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ABSTRACT
Cosmic rays may have contributed to the start of life on Earth. Here, we investigate the
evolution of the Galactic cosmic ray spectrum at Earth from ages t = 0.6 − 6.0 Gyr.
We use a 1D cosmic ray transport model and a 1.5D stellar wind model to derive
the evolving wind properties of a solar-type star. At t = 1 Gyr, approximately when
life is thought to have begun on Earth, we find that the intensity of ∼GeV Galactic
cosmic rays would have been ∼ 10 times smaller than the present-day value. At lower
kinetic energies, Galactic cosmic ray modulation would have been even more severe.
More generally, we find that the differential intensity of low energy Galactic cosmic
rays decreases at younger ages and is well described by a broken power-law in solar
rotation rate. We provide an analytic formula of our Galactic cosmic ray spectra at
Earth’s orbit for different ages. Our model is also applicable to other solar-type stars
with exoplanets orbiting at different radii. Specifically, we use our Galactic cosmic ray
spectrum at 20 au for t = 600 Myr to estimate the penetration of cosmic rays in the
atmosphere of HR 2562b, a directly imaged exoplanet orbiting a young solar-type star.
We find that the majority of particles < 0.1GeV are attenuated at pressures& 10−5 bar
and thus do not reach altitudes below ∼ 100 km. Observationally constraining the
Galactic cosmic ray spectrum in the atmosphere of a warm Jupiter would in turn help
constrain the flux of cosmic rays reaching young Earth-like exoplanets.
Key words: diffusion – (ISM:) cosmic rays – methods: numerical – Sun: evolution –
stars: winds, outflows – planetary systems
1 INTRODUCTION
Galactic cosmic rays have been considered as a source of
ionisation for exoplanetary atmospheres (Rimmer & Helling
2013). Depending on the orbital distance of an exoplanet
from its host star it may be possible to disentangle the chem-
ical signature of Galactic cosmic rays from other sources
such as stellar radiation and stellar energetic particles. Ion-
isation by energetic particles, including both Galactic and
stellar cosmic rays, is of great interest not only for the chem-
istry in exoplanetary atmospheres but also at even earlier
stages when the protoplanetary disc is still present (Cleeves
et al. 2013, 2015; Rab et al. 2017; Rodgers-Lee et al. 2017,
2020) and for star formation in general (see Padovani et al.
2020, for a recent review).
? E-mail: drodgers@tcd.ie
In terms of the solar system, it is of interest to deter-
mine the intensity of Galactic cosmic rays incident on Earth
at the time when life is thought to have begun (Mojzsis et al.
1996). Galactic cosmic rays influence and contribute to at-
mospheric electrical circuits (Rycroft & Harrison 2012, in
the case of the Earth), cloud cover (Svensmark et al. 2017)
and biological mutation rates (see discussion in Grießmeier
et al. 2005, for instance). Here, we focus on the interaction of
Galactic cosmic rays with the stellar winds from solar-type
stars specifically, and note that the effect of Galactic cos-
mic rays on close-in super-Earth exoplanets around M dwarf
stars has also been considered (Grießmeier et al. 2005, 2009,
2015). We also investigate the Galactic cosmic ray spectrum
impinging on exoplanets orbiting young solar-type stars at
different orbital distances than the Earth.
The properties of the Sun and its stellar wind are
thought to have varied over the lifetime of the Sun. This evo-
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lution is inferred from observations of other solar-type stars
of different ages since their evolution is thought to be similar.
Young solar-type stars typically display much stronger mag-
netic fields (Vidotto et al. 2014; Folsom et al. 2016; Rose´n
et al. 2016) and higher X-ray luminosities (Wright et al.
2011; Tu et al. 2015), as well as faster rotation rates (Gal-
let & Bouvier 2013), which are thought to result in higher
mass-loss rates via stellar winds (Vidotto & Donati 2017; O´
Fionnaga´in et al. 2019). Thus, since the properties of the so-
lar wind change with time this means that the interaction of
Galactic cosmic rays with the solar wind will also vary with
time. In this paper we investigate how the solar modulation
of Galactic cosmic rays varies as a function of the Sun’s life
from 0.6 − 6.0 Gyr. This evolution of Galactic cosmic ray
modulation should also
Voyager 1 and 2 measurements have provided us with
valuable information about the local interstellar spectrum
(LIS) of Galactic cosmic rays outside of the heliosphere
(Stone et al. 2013; Cummings et al. 2016; Stone et al. 2019)
which are thought to be unaffected by the solar wind. How
Galactic cosmic rays then propagate through the magne-
tised solar wind can be characterised, to first order, as a
competitive process between the spatial diffusion of Galac-
tic cosmic rays into the solar system, spatial advection of
Galactic cosmic rays out of the system and adiabatic losses
of Galactic cosmic rays as they do work against the solar
wind (Parker 1965). The suppression of the LIS of Galactic
cosmic rays as they travel through the solar wind to Earth
is known as the modulation of Galactic cosmic rays. The
present-day solar modulation of Galactic cosmic rays that
arrive at Earth has been extensively studied (Parker 1965;
Jokipii 1971; Potgieter 2013; Vos & Potgieter 2015).
Given that the solar wind has evolved during its main-
sequence lifetime, the flux of Galactic cosmic rays arriving
at Earth is expected to have changed throughout the Sun’s
life (Svensmark 2006; Cohen et al. 2012). More specifically,
Svensmark (2006) used relationships between the solar ro-
tation rate and the magnetic field strength and velocity of
the solar wind to estimate these quantities at different times
during the Sun’s life. Cohen et al. (2012) find that during the
Archean eon (approximately the period when life is thought
to have started on Earth) that the Earth would have expe-
rienced a greatly reduced intensity of Galactic cosmic rays.
Our approach is similar to Svensmark (2006) which uses
a 1D transport equation for the Galactic cosmic rays. We
build upon this work by using updated observationally de-
rived relationships between the solar rotation rate and the
magnetic field strength and velocity of the solar wind. We
focus on a number of radii which are relevant for specific ex-
oplanetary systems around solar-type stars. We discuss the
differences in results that we find in Section 5.
In this paper we also focus on the conditions in the
early solar system to determine the effect that the Sun be-
ing a slow/fast rotator would have. In addition, we estimate
the flux of Galactic cosmic rays as a function of radius, fo-
cusing on radii of particular interest where the signatures
of Galactic cosmic rays in an exoplanetary atmosphere may
dominate over other sources of ionisation from a solar-type
star (i.e. photoionisation and stellar energetic particles).
Note, the results presented in Section 3 mainly discuss
the evolution of the GCR spectrum at Earth due to the evo-
lution of the solar wind over the Sun’s life. However, the evo-
lution of the GCR spectrum should be similar for other solar-
type stars. Thus, in Section 4 we focus on a young solar-type
star with a warm Jupiter exoplanet, HR 2562b (Konopacky
et al. 2016), orbiting at 20 au. Assuming an unmagnetised
exoplanet, we calculate the energy losses of the cosmic rays
as they propagate through the upper atmosphere of the ex-
oplanet.
Finally, we consider the exoplanetary system HR 2562b
(Konopacky et al. 2016), assuming an unmagnetised exo-
planet, and calculate the energy losses of the cosmic rays as
they propagate through the upper atmosphere of the exo-
planet.
The paper is structured as follows: in Section 2 we de-
scribe the stellar wind model and cosmic ray transport
model that we use. We present our results in Sections 3 and
4. We discuss our results in comparison to other results in
the literature in Section 5. Finally, we present our conclu-
sions in Section 6.
2 FORMULATION
To model the propagation of Galactic cosmic rays from the
interstellar medium (ISM) into the solar system (or into a
solar-type star system) we solve the 1D transport equation
for the cosmic rays, assuming spherical symmetry, given by
∂f
∂t
=∇ · (κ∇f)−∇ · (vf) + 1
3
(∇ · v) ∂f
∂lnp
(1)
where f(r, p, t) is the cosmic ray phase space density, κ(r, p)
is the spatial diffusion coefficient, v(r) is the radial velocity
of the stellar wind and p is the momentum of the particles
which are taken to be protons. The first term on the right-
hand side of Eq. 1 represents the spatial diffusion of cosmic
rays through the stellar wind which depends on the level
of turbulence and strength of the magnetic field (described
in more detail in Sections 2.2 and 2.3). The second term
represents spatial advection which acts to suppress the flux
of cosmic rays as they travel into the stellar system. The
last term represents momentum advection which pushes the
cosmic rays to lower energies as they do work against the
magnetised stellar wind to enter the stellar system.
Fig. 1 shows a schematic of the Galactic cosmic rays
diffusing into a stellar system from outside the astrosphere.
The velocity profile of the stellar wind is derived from the
stellar wind model described in Section 2.3. We focus on the
steady-state solution of Eq. 1 which is a reasonable approxi-
mation for solar minimum conditions. The fact that we study
the steady-state solution of Eq. 1 and also assume azimuthal
symmetry means that any short-term modulation effects,
shorter than the rotation period of the star, are neglected
(see discussion in Potgieter 2013). We also do not include
any drift motions of the cosmic rays (Jokipii et al. 1977)
in Eq. 1. This implies that the known temporal variation of
Galactic cosmic ray modulation due to the solar cycle can-
not be studied here. The drift motion of the cosmic rays also
results in latitudinal variations which we do not consider
here. Thus, in the future a more complete study of these
effects could be studied using a 2D cosmic ray transport
code. These effects should be kept in mind when examining
our results and that we are implicitly always investigating
solar (or stellar) minimum conditions for these stars. It is
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Figure 1. Here we show a schematic of a solar-type stellar system
to illustrate Galactic cosmic rays diffusing into a stellar system
from outside the astrosphere and eventually arriving at the loca-
tion of planets. The axisymmetric shape of the astrosphere due
to the motion of the star through the ISM is not incorporated in
our stellar wind or Galactic cosmic ray model.
also important to note that we also do not consider in our
model the effect of the termination shock in the stellar wind
and the stellar equivalent of the heliosheath. For the solar
system, at 10− 100 MeV energies & 80% of the modulation
of Galactic cosmic rays occurs in the heliosheath (see Potgi-
eter 2013, for instance). At the same time, the termination
shock can reaccelerate GeV Galactic cosmic rays depending
on the magnetic polarity cycle of the Sun. To ascertain how
the size and structure of the heliosheath evolves with stellar
rotation rate 3D magnetohydrodynamic simulations would
be required.
Eq. 1 is numerically advanced using a forward in time,
second order centred in space differencing scheme for the
diffusion term and a first order in space upwinding scheme
for the advection terms. The numerical scheme used is over-
all first order in time. The code that we use is an adapted
version of the code presented in Rodgers-Lee et al. (2017,
2020) which now includes momentum advection and a dif-
ferent scheme for the advection terms. A full description
of the numerical scheme is given in Appendix A including
the implementation of the boundary conditions which is de-
scribed in Appendix A2. We validate our code by showing
that it reproduces well observations of Galactic cosmic rays
measured at Earth which is presented in Appendix A4. A
numerical convergence test for the scheme is given in Ap-
pendix A5.
For the boundary conditions, the spatial inner boundary
condition is reflective. We use a fixed spatial outer boundary
condition with the boundary cell taken to be the LIS value,
described in Section 2.1. The momentum inner and outer
boundary conditions are outflow.
2.1 Local interstellar spectrum (LIS)
The LIS of Galactic cosmic rays is the spectrum that is
thought to be unmodulated by the solar wind and therefore
can only be observed outside of the heliosphere. The LIS has
been measured by Voyager 1 from beyond the heliopause
(Stone et al. 2013; Cummings et al. 2016). A model fit to
the Voyager 1 observations of the LIS, from Vos & Potgieter
(2015), is given as a differential intensity, jLIS, as
jLIS(T ) = 2.70
T 1.12
β2
(
T + 0.67
1.67
)−3.93
m−2 s−1 sr−1 MeV−1
(2)
where T is the kinetic energy of the cosmic rays in GeV
and β is the velocity of the particle divided by the speed of
light c. In the model of Vos & Potgieter (2015) the very LIS
is specified at the heliopause, taken to be 122 au. For our
simulations the value at the outer boundary is taken to be
the LIS1, where the differential intensity of cosmic rays can
be expressed in terms of the phase space density (f from
Eq. 1) as j(T ) = p2f(p).
We assume a constant LIS as a function of time in our
simulations. The LIS may have evolved as a function of time,
due to a corresponding temporal evolution of the star forma-
tion rate (SFR) of the Milky Way (Rocha-Pinto et al. 2000)
and assuming that the majority of Galactic cosmic rays are
produced by supernovae, as discussed in Svensmark (2006).
However since the Milky Way’s SFR for the times that we
consider (t > 0.6 Gyr), shown in Fig. 2 of Svensmark (2006),
is within a factor of two of the current value for the Milky
Way’s SFR, we do not vary the LIS as a function of time.
2.2 Diffusion coefficient
The diffusion coefficient of the cosmic rays, in units of c, can
be estimated from quasi-linear theory (Jokipii 1966; Schlick-
eiser 1989) as
κ(r, p,Ω)
βc
= η0
(
p
p0
)1−γ
rL (3)
where rL = p/[eB(r,Ω)] is the Larmor radius of the pro-
tons with e representing the unit of electric charge, Ω is the
adopted stellar rotation rate and
η0 =
(
B
δB
)2
(4)
where B2 relates to the energy density of the large-scale
magnetic field and (δB)2 to the total energy density in the
smaller scale magnetic field turbulent modes. The diffusion
coefficient κ/βc describes the scattering length of protons
with momentum p, and in Eq. 3 is scaled to momentum p0,
corresponding to momentum of particles whose Larmor radii
1 The expression for the LIS in Eq. 2 is different at low energies
from the LIS used in Svensmark (2006) and Cohen et al. (2012)
which is based on a model fit to older Voyager 1 data. At ∼ 1 GeV
and higher energies the spectra are the same but below ∼ 1 GeV
the model fit from Vos & Potgieter (2015) is now more accurate
as it is constrained by the more recent Voyager 1 data. However,
since the difference in the adopted spectra is only at low energies
where solar modulation dominates it is unlikely that the different
spectra would affect the model results.
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Table 1. List of parameters for the simulations. The columns are, respectively: the age (t) of the Sun, its rotation rate (Ω) in terms
of the present-day value (Ω = 2.67 × 10−6 rad s−1), its rotation period (Prot), the heliospheric radius (Rh, Eq. 9), the radial velocity
(v1au) and the magnitude of the total magnetic field (|B1au|) at r = 1 au. |B∗| and T∗ are the magnitude of the total magnetic field and
the temperature at the base of the wind (r) and M˙ is the mass-loss rate. The final column is the potential (φ, from the modified force
field approximation, Eq. 10), that we find for each of the simulations.
t Ω Prot Rh v1au |B1au| |B∗| T∗ M˙ φ
[Gyr] [Ω] [days] [au] [km s−1] [G] [G] [MK] [M yr−1] [GeV]
6.0 0.87 31 47 370 3.4× 10−5 1.1 1.3 4.1× 10−15 0.09
4.6 1.0 27 122 450 3.8× 10−5 1.3 1.5 2.3× 10−14 0.21
2.9 1.3 22 500 610 5.4× 10−5 1.7 2.2 2.8× 10−13 0.57
1.7 1.6 17 696 660 7.6× 10−5 2.5 2.4 5.1× 10−13 1.19
1.0 2.1 13 950 720 1.2× 10−4 3.5 2.6 8.5× 10−13 1.96
0.6 3.0 9 1324 790 1.8× 10−4 5.5 3.0 1.5× 10−12 5.1†
0.6 3.5 8 1530 820 2.8× 10−4 6.7 3.2 2.0× 10−12 7.45†
0.6 4.0 7 1725 850 3.5× 10−4 8.0 3.3 2.4× 10−12 10.3†
†These values for φ do not match our results very well below the peak of the Galactic cosmic ray spectrum (Section 3.1.1).
matches the length of the longest turbulent modes. We adopt
p0 = 3 GeV/c. The value of η0 represents the level of turbu-
lence present in the magnetic field (Eq. 4). The value of γ
is related to the turbulence power spectrum where γ = 5/3
would represent Kolmogorov-type turbulence. The value of
γ = 1 was adopted by Svensmark (2006) and Cohen et al.
(2012) which fits the present day observations of solar wind
modulation quite well and which we also show in Fig. A1
using η0 = 1. Thus, we adopt η0 = 1 and γ = 1 for all of
the simulations. The magnetic field strength of a solar-type
star increases with increasing stellar rotation rate (which is
discussed further in Section 2.3.2). Given that we adopt a
constant value for η0, this means that the diffusion coeffi-
cient decreases with increasing magnetic field strength and
therefore also with increasing stellar rotation rate. The pos-
sible implications of these assumptions are discussed briefly
in Appendix B. The solar wind properties that we adopt for
the present day simulation (t = 4.6 Gyr) are given in Table 1
and are also described in the subsequent sections.
2.3 Stellar wind parameters as a function of time
A number of physical quantities relating to the wind of
a solar-type star must be defined in order to solve Eq. 1,
namely the velocity and magnetic field profile as a function
of radius and time, as well as the heliospheric radius. Here,
we describe our stellar wind model to simulate the long-term
evolution of the wind of a solar-type star, based on empiri-
cal relations derived from samples of solar-type stars. In our
model, we use rotation as a proxy for age, so that young
solar-type stars rotate faster than more evolved solar-type
stars. The term “solar-type” star is often used to refer to low-
mass stars with masses in the range of ∼ 0.5− 1.3M cor-
responding to low-mass stars with convective envelopes. We
run our stellar wind model only for stars with M∗ = 1M
to be able to focus on the Sun’s evolution. Thus, it can also
be applied to stars with similar masses.
The stellar wind model that we use to derive the stel-
lar wind properties as a function of radius for different
ages is a 1.5D Weber-Davis model (Weber & Davis 1967),
which assumes that the star is rotating and magnetised. The
code that we use which implements this magneto-rotator
model is presented in Johnstone et al. (2015) and Carolan
et al. (2019), based on the Versatile Advection Code (VAC,
To´th 1996). We assume that the magnetic field, tempera-
ture and density at the base of the stellar wind scale with
the stellar rotation rate (Carolan et al. 2019). The surface
of the Sun is located at 1 r (i.e. one solar radius) corre-
sponding to the photosphere while the corona is located at
∼ 1.003 r, slightly above the photosphere. Our stellar wind
model launches the wind from the base of the corona which
we approximate as 1 r. For any given rotation rate, the stel-
lar wind model then solves for the distance profiles of the
magnetic field (the radial and azimuthal components), ra-
dial and azimuthal velocity, pressure and mass density. The
resulting radial profiles for the relevant physical quantities
are then used in Eq. 1.
Our stellar wind model is polytropic meaning that the
pressure is related to the density via P ∝ ρα, where we
assume here that α = 1.05. Therefore, the stellar wind tem-
perature profile is close to being isothermal. The polytropic
wind model assumes that the driving mechanism for the
solar wind is thermal pressure gradients. More details of
our adopted stellar wind model are shown in Carolan et al.
(2019). It is important to note that the physical properties
that we derive from the stellar wind model are applicable
to the Sun and also to other solar-type stars. Therefore,
throughout the paper we often refer more generally to stel-
lar winds rather than to the solar wind since our results are
equally valid for other solar-type stars.
2.3.1 Stellar rotation rate as a proxy for age
The evolution in time of the rotation rate for a solar-type
star can be derived from large observational samples of
solar-type stars with different ages (Fig. 3, Gallet & Bouvier
2013). At very young ages (t < 5 − 10 Myr), the presence
of protoplanetary discs brake the spin up of young stars
that would otherwise occur due to gravitational contrac-
tion. Once protoplanetary discs are dispersed young stars
then continue to spin up at a faster rate until they reach the
zero-age main sequence. After this, the spin down of solar-
c© xxxx RAS, MNRAS 000, 1–15
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type stars is attributed to stellar winds, which carry away
angular momentum. We limit our study to ages t > 0.6 Gyr,
as some of our assumptions for the properties of the stellar
wind base may no longer hold at very young ages.
From ∼ 0.6 to 1 Gyr, observations show a large spread
in rotation rates of solar-type stars, which means that prior
to ∼ 1 Gyr it is not possible to determine the rotation rate of
the Sun (e.g. fast or slow rotator). Therefore, for t = 0.6 Gyr
we investigate three scenarios, ranging from the case where
the Sun was a slow rotator (Ω = 3Ω) to a fast rotator (Ω =
4Ω) scenario, with an intermediate rotator case of Ω =
3.5Ω. However, after ∼ 1 Gyr (corresponding to ∼ 2.1 Ω),
the rotation rate of the Sun is thought to have converged,
such that Ω ∝ t−0.5 (Skumanich 1972).
The values of Ω that we investigate here, as well as
the age and other corresponding physical parameters of
our simulations, are given in Table 1. We simulate the
evolving solar wind for the following rotation rates: Ω =
0.87, 1.0, 1.3, 1.6, 2.1, 3.0, 3.5, 4.0 Ω.
2.3.2 The evolving winds of solar-type stars
Magnetic torques in the winds of solar-type stars are re-
sponsible for carrying away most of the stellar angular mo-
mentum. To prescribe the evolution of the magnetic field for
solar-type stars, we use the empirical relationship between
observationally derived values of the large-scale magnetic
field strength for low-mass stars and stellar rotation rate
(Vidotto et al. 2014) given by
B∗(Ω) = 1.3
(
Ω
Ω
)1.32±0.14
G. (5)
The field strength was obtained by averaging surface mag-
netic maps, which for stars was derived using the Zeeman
Doppler Imaging (ZDI) technique. For the Sun the large
scale component of solar synoptic maps (derived from Kitt
Peak/National Solar Observatory data) was instead used.
We use these observationally derived values for B∗(Ω)
as the value of the radial component of the magnetic field
strength, B∗,r(Ω), at the wind base for the stellar wind
model. The initial condition used in the stellar wind model
for the radial profile of the magnetic field is that Br(r,Ω) =
B∗,r(Ω)(r/r)2 and Bφ(Ω) = 0. As the stellar wind simula-
tion evolves, an azimuthal component of the magnetic field
develops due to stellar rotation. At large distances, this com-
ponent falls off as 1/r. Our steady-state stellar wind models
extend out to 1 au. Carolan et al. (2019) showed that the
magnetic field at Earth’s orbit from this stellar wind model
(∼ 3.8×10−5G) matches the observed values very well. Fin-
ley et al. (2019), for example, shows the observed open mag-
netic flux in the solar wind varying from 5 − 15 × 1022Mx,
which results in magnetic field strengths at Earth’s orbit of
1.78 − 5.3 × 10−5G. The model also matches the observed
values for the mass-loss rate, velocity and density of the so-
lar wind at 1 au very well, as shown in Fig.1 of Carolan et al.
(2019).
We extrapolate the values of Br(Ω) and Bφ(Ω) beyond
1au out to the edge of the heliosphere using power laws with
distance such that
Br(r > 1au,Ω) = Br,1au(Ω)
(
1au
r
)2
(6)
Bφ(r > 1au,Ω) = Bφ,1au(Ω)
(
1au
r
)
(7)
Since the radial magnetic field falls as 1/r2 but the azimuthal
field only decreases as 1/r, this gives rise to the Parker spiral
that becomes tighter at larger distances when Bφ dominates.
The values we obtain for the total magnetic field strength
as a function of orbital distance and stellar rotation rate are
used to determine the diffusion coefficient given in Eq. 3. A
fit to the values of Bφ,1 au and Br,1 au as a function of stellar
rotation rate, derived from the stellar wind model values, is
given in Eq. A1 of Carolan et al. (2019) in combination with
the values quoted in their Tables A1-A2.
Note, we use the best fit values for the magnetic field
strength as a function of stellar rotation rate given in Eq. 5
and thus we do not consider the effect of the uncertainty in
the fit here. Note that ZDI only allows the large-scale field
to be reliably reconstructed (Johnstone et al. 2010; Arzou-
manian et al. 2011; Lang et al. 2014). Fortunately, the stel-
lar wind flows through large-scale fields and therefore the
limited resolution of ZDI magnetograms has been demon-
strated not to affect the stellar wind (Jardine et al. 2017;
Boro Saikia et al. 2020). Lehmann et al. (2019) performed a
study of the ZDI technique using controlled input data and
showed that the large-scale field morphologies are recovered
well.
The other two wind base parameters required in our
stellar wind models are the base temperature and density.
We use the relationship for the stellar wind base temperature
as a function of rotation rate from O´ Fionnaga´in & Vidotto
(2018):
T∗ =
1.50
(
Ω
Ω
)1.2
MK for Ω < 1.4Ω
1.98
(
Ω
Ω
)0.37
MK for Ω > 1.4Ω
(8)
For the base density, we assume that n∗ =
108(Ω/Ω)0.6cm−3, following the work by Ivanova &
Taam (2003).
Overall, the radial velocity profile results from the
magneto-rotator stellar wind model that we use given a par-
ticular set of values for the temperature, density and mag-
netic field strength at the base of the wind. The stellar wind
model, by construction, matches the solar wind velocities
observed at Earth well (v⊕ ' 450 km s−1, McComas et al.
2008; Usmanov et al. 2014). For each of the stellar wind sim-
ulations the wind has reached its terminal velocity by 1 au
and so v(r > 1au) = v(1au) is used in Eq. 1. The values of
v at 1au (denoted by v1au) are given in Table 1. Fig. C1 in
Appendix C shows the magnetic field strength and velocity
profiles, as a function of radius, derived from the magneto-
rotator stellar wind model for 1 Ω and 4 Ω.
From mass conservation, it follows that M˙ = 4pir2mnv,
with m = 0.5mp being the mean mass of the solar wind
particle, considered to be composed of fully ionised hydro-
gen. At the present-day solar rotation rate, our model as-
sumptions reproduce the present-day value of the solar wind
mass-loss rate: M˙ = 2× 10−14M yr−1. The mass-loss rates
calculated at other ages are shown in Table 1 and are used
c© xxxx RAS, MNRAS 000, 1–15
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to calculate the heliospheric (or more generally the astro-
spheric) radius.
2.3.3 Heliospheric radius
The radius of a solar-type star’s astrosphere, Rh, is de-
termined as a balance of the stellar wind ram pressure
(P ∝ M˙v/r2) and the ambient ISM pressure, PISM. The
solar wind ram pressure evolves with time and so, by assum-
ing a constant ISM pressure as a function of time (following
Svensmark 2006), we can estimate Rh as a function of time
as
Rh(t) = Rh,
√
M˙(t)v(t)
M˙v
(9)
where Rh,, M˙ and v are the values for the Sun’s current
heliospheric radius, mass loss rate and wind velocity at 1au,
respectively. The present day values for these parameters are
given in Table 1, as well as the values for different times.
2.4 Our combined stellar wind and cosmic ray
propagation simulations
We use the output of our stellar wind simulations in our sim-
ulations of cosmic ray propagation. To recapitulate, we run
a number of stellar wind simulations for a number of differ-
ent times during a solar-type star’s life (Table 1). For each
time, we obtain the stellar wind velocity and the magnetic
field profile from the wind base at r out to 1 au, as well as
the corresponding mass-loss rate. Beyond 1 au, we use the
fact that the stellar wind has reached terminal speed and ex-
trapolate the stellar wind conditions out to the astrospheric
radius.
For all the cosmic ray propagation simulations, the in-
ner radial spatial boundary is set to 0.1 au. We use the mass-
loss rate and the radial velocity of the stellar wind in Eq. 9
to derive the heliospheric radius as a function of time. Thus,
our outer radial boundary is set to the heliospheric radius,
Rh(t). Therefore, the logarithmically spaced radial bins for
i = 0, ..., N are given by ri = exp{i × ln(rN/r0)/(N − 1) +
ln r0} where r0 = 0.1 au and rN = Rh(t) with N = 60.
Similarly, pj = exp{j × ln(pM/p0)/(M − 1) + ln p0} for
j = 0, ...,M represent the logarithmically spaced momen-
tum bins for the cosmic rays with M = 60. The minimum
and maximum momenta of the cosmic rays that we consider
are p0 = 0.15 GeV/c and pM = 100 GeV/c, respectively. The
same range in momentum is used for all of the cosmic ray
propagation simulations.
3 RESULTS
We present the results of our numerical study which inves-
tigates how the modulation of Galactic cosmic rays by the
wind of a solar-type star would evolve throughout a solar-
type star’s lifetime. We investigate the evolution of the cos-
mic ray intensity for a number of different cosmic ray en-
ergies with the stellar rotation rate. We then specifically
look at the radial dependence of the Galactic cosmic ray
spectrum at ∼ 1 Gyr when life is thought to have begun on
Earth. We also focus on the differential intensity of Galactic
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Figure 2. Differential intensity of Galactic cosmic rays as a func-
tion of kinetic energy at 1 au for different stellar rotation rates,
which approximately correspond to different ages during the Sun’s
life. The values of Ω plotted correspond to t = 0.6 − 6.0 Gyr for
the Sun. The solid black line represents a model fit of the Voyager
1 data for the LIS (Section 2.1) which is set to be the value at
the outer boundary of the simulations. The parameters used for
each simulation are given in Table 1.
cosmic rays at t = 600 Myr which is relevant for the warm
Jupiter exoplanet, HR 2562b, orbiting a solar-like star at a
distance of 20 au.
3.1 Galactic cosmic ray spectrum as a function of
time
We investigate the Galactic cosmic ray spectrum at the or-
bital distance of Earth as a function of a solar-type star’s
lifetime. We focus on a number of different times ranging
from 0.6 − 6.0 Gyr which are given in Table 1. We chose
to investigate t = 1.0 Gyr as this approximately matches
the time at which life is thought to have started on Earth
(3.8 Myr ago, Mojzsis et al. 1996). It is therefore of inter-
est to estimate the intensity of Galactic cosmic rays at this
time. The other time of particular interest that we focus on
is t = 0.6 Gyr since there are observations of a directly im-
aged exoplanet (HR 2526b) orbiting a star similar in mass
to the Sun with an age estimate of t ∼ 0.6 Gyr. The impact
of Galactic cosmic rays in this exoplanetary system will be
discussed further in Section 4.
Fig. 2 shows the differential intensity of Galactic cosmic
rays as a function of their kinetic energy for a number of
different stellar rotation rates at 1 au. The black dashed line
represents the present day values that we calculate and the
solid black line represents the LIS which is the adopted value
of the fixed outer spatial boundary condition.
The magenta dashed line represents a solar-type star
with a slower rotation rate (Ω = 0.87Ω) than the Sun’s
present day value and thus probes the intensity of Galactic
cosmic rays in the future when the Sun will be ∼6.0 Gyr
old. The stellar wind properties present at this time (derived
from the stellar wind model) will result in an increase in the
number of .GeV cosmic rays reaching Earth, ranging from
a factor of ∼ 2 up to a factor ∼ 5 for MeV cosmic rays.
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Examining the intensity of Galactic cosmic rays for
faster stellar rotation rates, looking into the Sun’s past,
shows that the intensity decreases rapidly for all but the
most energetic cosmic rays. The peak in the differential
Galactic cosmic ray intensity as a function of increasing
stellar rotation shifts to higher energies as a result of the
corresponding increase in the stellar magnetic field strength
(which will result in smaller diffusion coefficients) combined
with the effect of larger stellar wind velocities.
The red shaded region represents three simulations at
t = 0.6 Gyr. Because of the uncertainty of the rotation rate
of the Sun at that time, we adopt three values of rotation
rate Ω = 3.0, 3.5 and 4Ω. This indicates that at young
ages, for T . 5 GeV, there is at least an order of magnitude
difference in the differential intensity of Galactic cosmic rays
that reached Earth, depending on whether the Sun was a fast
or a slow rotator. Again, it is important to note that we do
not include the drift motion of the Galactic cosmic rays in
our simulations which, depending on the solar cycle, would
lead to a change in our results.
3.1.1 Modified force field approximation
The force field approximation (Gleeson & Axford 1968) pro-
vides a simple analytic expression which depends only on a
modulation potential, φ, that was developed to describe the
solar modulation of Galactic cosmic rays. Here, we compare
our results in Fig. 2 with a modified version of the force field
approximation because the canonical force field approxima-
tion does not fit our simulations well at ∼MeV energies2.
This modified force field approximation for the differential
intensity of Galactic cosmic rays at Earth, j1au(T ), can be
expressed as:
j1au(T )
E2 − E2p = β
(
jLIS(T + φ)
(E + φ)2 − E2p
)
(10)
where E is the proton energy and Ep = 0.938 GeV is the pro-
ton rest energy. The difference between this modified force
field approximation and the usual force field approximation
is the factor of β on the right hand side of Eq. 10 which in-
creases the suppression at low energies. For the usual force
field approximation, φ is effectively the average energy loss
suffered by a cosmic ray reaching Earth coming in from in-
finity, i.e. the ISM. The values of φ which fit our data best
are given in Table 1. For Ω & 2.1Ω the modified force field
approximation does not fit the low energy cosmic ray inten-
sities very well (see Fig. D1 in Appendix D for a comparison
between the modified force field approximation and our re-
sults). On the other hand, for Ω . 2.1Ω the modified force
field approximation, along with the values of φ quoted in
Table 1, can be used to well approximate our results at 1 au.
It is also important to note that while the (modified) force
field approximation can be used to well reproduce the Galac-
tic cosmic ray spectrum at Earth for Ω . 2.1Ω, it fails to
reproduce the Galactic cosmic ray spectrum at large radii
(as discussed in Caballero-Lopez & Moraal 2004).
2 The fact that the force field approximation does not fit the low
energy component of the Galactic cosmic ray spectrum at Earth
was first noted by Gleeson & Urch (1973) and is also discussed in
detail in Caballero-Lopez & Moraal (2004).
3.2 Intensity at Earth as a function of time for
different energies
Fig. 3(a) shows the differential intensity of the cosmic rays
at 1 au as a function of Ω, for a number of different kinetic
energies. As expected, the lowest energy cosmic rays show
the largest decrease in intensity as a function of increasing
rotation rate.
For T = 0.015 − 10 GeV a similar evolution with in-
creasing rotation rate is observed. Using a least-squares fit-
ting method, we find that the intensity of 1 GeV cosmic rays
decreases as Ω−3.8 until Ω ∼ 2Ω. For Ω & 2Ω the inten-
sity decreases more rapidly following a power law of Ω−9.9.
For T = 10 GeV, the modulation is relatively small until
Ω ∼ 2Ω in comparison to the lower energy cosmic rays.
The break in the power laws at Ω ∼ 2Ω can be under-
stood by comparing the diffusive and advective timescales
at 1 au, shown in Fig. 3(b), where
tdif =
r2
κ(r, p,Ω)
, tadv =
r
v(r,Ω)
. (11)
The diffusion timescale depends on the momentum of the
cosmic rays whereas the advective timescale does not. Thus,
for any given value of Ω in Fig. 3(b) the variation in the
ratio of tadv/tdif as a function of cosmic ray energy occurs
because κ ∝ p. The break in the power law occurs at the
same rotation rate for all low-energy cosmic rays. In partic-
ular, it occurs approximately when tadv/tdif . 1 for GeV
cosmic rays. The timescales for GeV cosmic rays determines
the position of the power law break because cosmic rays with
lower energies will always be related to higher energy cosmic
rays via momentum advection (i.e. losses). Looking at the
LIS spectrum, the differential intensity of >GeV cosmic rays
is always lower than the intensity of .GeV energies and thus
are unable to replace the GeV cosmic rays via momentum
advection that are suppressed by spatial advection.
Fig. 3(b) can be used to broadly understand the over-
all modulation of Galactic cosmic rays. For 10 GeV cosmic
rays because their diffusive timescale is much shorter than
the advective timescale they do not experience much mod-
ulation until sufficiently far into the Sun’s past when the
magnetic field strength and the velocity of the solar wind
have increased significantly. For GeV and MeV cosmic rays
their diffusive timescales (for the present day Sun and the
past physical values of the solar wind) are always close to, or
longer than, the advective timescale. Thus, the modulation
of Galactic cosmic rays with these energies as a function
of the Sun’s lifetime has always been quite significant. In
the future if the magnetic field strength and velocity of the
solar wind continue to decrease the differential intensity of
Galactic cosmic rays at Earth will converge towards the LIS,
with j(MeV) > j(GeV). The magenta dashed line in Fig. 2
shows the differential intensity of cosmic rays at Earth in
the future for t = 6.0 Gyr, which is still at this time strongly
suppressed by the solar wind at low energies.
Note that the momentum advection term in Eq. 1 also
has an associated timescale but it will always be longer than
the spatial advection timescale and therefore would not be
responsible for the observed power law break.
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Figure 3. (a) Differential intensity of Galactic cosmic rays at 1 au as a function of stellar rotation rate, Ω, for cosmic rays of different
kinetic energies. (b) Comparison of the diffusive timescale with the advective timescale as a function of a solar-type star’s rotation rate
for cosmic rays with different kinetic energies.
3.3 Galactic cosmic ray spectrum at the time
when life is believed to have started on Earth
Here we focus on the Galactic cosmic ray spectrum for a
number of different radii at t = 1.0 Gyr, shown in Fig. 4,
at approximately the time when life is thought to have be-
gun on Earth. The first noticeable feature is that, because
the heliosphere was much larger at this earlier time in the
Sun’s life (950 au versus 122 au), the differential intensity of
cosmic rays at 130 au (blue dashed line) is lower at most
energies than the present-day values we observe at Earth
(grey dashed line in Fig. 4). We chose 130 au, as this is ap-
proximately the present-day location of the edge of the he-
liosphere. The green dashed line denotes the values we find
at 1 au. For energies less than ∼ 5 GeV these values are ap-
proximately 2 orders of magnitude smaller than the present-
day values observed at Earth meaning that the young Earth
was far better protected from Galactic cosmic rays than the
present-day Earth.
4 APPLICATION TO HR 2562B:
PROPAGATION OF GALACTIC COSMIC
RAYS IN THE ATMOSPHERE OF A YOUNG
WARM JUPITER
In the previous section we showed the Galactic cosmic ray
spectrum that may have been present at the time when life
began on Earth, or present at another Earth-like exoplanet
orbiting at 1 au from a young solar-type star. Observing the
signatures of Galactic cosmic rays in the atmosphere of an
Earth-like exoplanet would be important for understanding
the origins of life on Earth and would also act as a constraint
for the model we present. Unfortunately, it is unlikely with
the current/near-future observing facilities that it would be
possible to detect such a signature for an Earth-like exo-
planetary atmosphere. Thus, in this section we focus on an
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Figure 4. Differential intensity of Galactic cosmic rays as a func-
tion of kinetic energy at different radii for t = 1.0 Gyr, when life is
thought to have begun on Earth. The solid black line represents a
model fit of the Voyager 1 data for the LIS (Section 2.1) located
at 950 au at this younger age. The coloured dashed lines repre-
sent the differential intensity found at different radii of interest in
the simulation. In particular, the green dashed line corresponds
to the values found at 1 au. For comparison, the grey dashed line
indicates the values found at the present-day Earth.
exoplanetary system with a solar-type host star where we be-
lieve it may be possible to detect the signatures of Galactic
cosmic rays with the James Webb Space Telescope (Gardner
et al. 2006). Our model can be used to guide future observa-
tions. It is important to note that even if the chemical effect
of Galactic cosmic rays remains unobservable in Earth-like
exoplanetary atmospheres that Galactic cosmic rays can still
be important for these systems.
In order to detect an observable chemical effect driven
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by Galactic cosmic rays in an exoplanetary atmosphere with
a solar-type host star we must first isolate the chemical ef-
fects of Galactic cosmic rays from other effects such as from
photo-chemistry driven by stellar radiation or from stellar
energetic particles. Stellar radiation and stellar energetic
particles will generally dominate over Galactic cosmic rays
in terms of observable signatures in the atmospheres of close-
in exoplanets so we must focus on exoplanets at large orbital
distances. Young exoplanets would also be easier to detect
because exoplanets cool, and emit less flux, as they age.
Thus, we apply our cosmic ray model to HR 2562, a young
exoplanetary system with an estimated age of 300-900 Myr
(see Konopacky et al. 2016, for a discussion of the different
age estimates for the star). This system hosts a warm (there-
fore meaning young) Jupiter exoplanet at a large distance
from its host solar-type star – HR 2562b is a directly im-
aged planet, observed as part of the Gemini Planet Imager
Exoplanet Survey.
HR 2562b has a mass of 30±15MJup, orbiting a 1.3M
star (F5V) at a distance of 20.3 ± 0.3 au (Konopacky et al.
2016). At this orbital distance it is possible that Galactic
cosmic rays will be more important than photo-driven chem-
istry in determining the chemical (dis-)equilibrium in the
exoplanet’s atmosphere.
To estimate the Galactic cosmic ray flux incident on HR
2562b, we use our Galactic cosmic ray spectrum for different
radii at t = 0.6 Gyr (using Ω = 3.5Ω). Fig. 5 plots the
differential intensity of Galactic cosmic rays at a number
of different radii. The green dashed line corresponds to the
orbital distance of the exoplanet HR 2562b.
We then use this Galactic cosmic ray spectrum to trace
the subsequent propagation, and energy losses, of the cos-
mic rays down through the exoplanet’s atmosphere using
the Monte Carlo cosmic ray propagation model as described
by Rimmer & Helling (2013). Here, we take into account en-
ergy losses due to inelastic (ionization and excitation) colli-
sions (i.e. we neglect magnetic mirroring). Rimmer & Helling
(2013) contain further details of the Monte Carlo code. The
atmosphere we use for our model is a DRIFT-PHOENIX
atmosphere (Helling et al. 2008a,b; Witte et al. 2009) for a
substellar object with an effective temperature Teff = 1200
K, surface gravity of 104.5 cm s−2 and solar metallicity.
The resulting spectra for a range of atmospheric pres-
sures, which correspond to different atmospheric depths, are
shown in Fig. 6. The solid black line corresponds to the in-
terpolation of the input spectrum (the green dashed line in
Fig. 5) used to initialise the Monte Carlo code. The majority
of particles < 0.1 GeV are attenuated at pressures greater
than 10−5 bar, and the majority of 0.1 – 10 GeV particles
are attenuated at pressures greater than 10−4 bar. Much of
the energy lost by cosmic rays will be deposited into the
atmosphere by ionizing and dissociating various molecular
species. This ionization and dissociation leads to the forma-
tion of the ions H+3 and H3O
+ (Helling & Rimmer 2019),
and most of the formation will occur between 1 mbar and
1 bar. These species are rapidly destroyed by recombination
with electrons, at a rate proportional to the pressure. The
ions H+3 and H3O
+ will be much more likely to survive at 1
mbar than 1 bar, and can then diffuse higher in the atmo-
sphere. The results shown in Fig. 6 can be used to determine
if the abundances of these molecules are observable using a
chemical network model, such as the models presented in
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Figure 5. Differential intensity of Galactic cosmic rays as a func-
tion of kinetic energy at different radii for t = 0.6 Gyr. The solid
black line represents a model fit of the Voyager 1 data for the
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Figure 6. Differential intensity of Galactic cosmic rays as a func-
tion of kinetic energy for different atmospheric pressures, P , (and
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Monte Carlo cosmic ray propagation model (Rimmer & Helling
2013).
Rimmer et al. (2014); Helling & Rimmer (2019) and Moore
et al. (2019), but is beyond the scope of this paper.
5 DISCUSSION: COMPARISON TO THE
LITERATURE
Our simulation for t = 1.7 Gyr can be compared with the re-
sults of Svensmark (2006). The turquoise line in their Fig. 1
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corresponds to the same time denoted by the cyan dots in
our Fig. 2. The peak flux occurs at approximately the same
energy, i.e. ∼GeV. On the other hand the peak flux is ap-
proximately a factor of three larger in our simulation and at
the lowest energies there is approximately one order of mag-
nitude difference between the simulations. This difference at
low energies is very likely due to differences in the adopted
radial magnetic field and velocity profiles at small radii.
Svensmark (2006) assumed a constant solar wind veloc-
ity as a function of radius and that the magnetic field scales
as r−1. In our case the solar wind velocity is only constant as
a function of radius once it has reached its terminal velocity.
The magnetic field scales as r−1 beyond r ∼ 1 au, whereas
for r < 1 au it scales as r−2 since the radial component of
the magnetic field dominates at these radii. The evolution of
the solar wind properties with time is also different between
the two models which likely contributes to the differences
seen between the two models. For T &GeV using a constant
solar wind velocity and B ∝ 1/r appears sufficient whereas
at low energies it underestimates the differential intensity of
Galactic cosmic rays.
Making a comparison with the results of Cohen et al.
(2012) is less straightforward. We have used empirical rela-
tions from observations to estimate the temporal evolution
of the solar wind properties as a function of the rotation rate
as an input for our cosmic ray transport model. In contrast,
Cohen et al. (2012) took an observed magnetic map of the
Sun and modified the map to mimic the presence of high
latitude spots observed in young stars. Their Fig. 4 repre-
sents the physical set-up most similar to our model where
they have increased the dipole and spot component of the
magnetic field by a factor of 10. The green line in their Fig. 4
with a solar period of 10 days is closest to our slow rotating
Sun at t = 0.6 Gyr with Ω = 3.0Ω. The peak intensity that
they find is approximately a factor of 2 or 3 larger than our
peak value. The kinetic energy at which the peak is found
is very similar.
While here we do not consider the interaction of the
Galactic cosmic rays with an exoplanetary magnetic field (as
is the focus of Grießmeier et al. 2015, for a close-in exoplanet
orbiting a M dwarf, for instance), the differential intensity
of Galactic cosmic rays that we find for different radii, and
times in a solar-type star’s life, can be used in future as an
estimate for the boundary condition of simulations focusing
on this interaction with exoplanets around other solar-type
stars in more detail.
6 CONCLUSIONS
In this paper we investigated how the propagation of Galac-
tic cosmic rays through the stellar systems’ of solar-type
stars would change as a function of the solar-type star’s life-
time due to the varying physical conditions of the stellar
wind with time. We modelled the modulation of Galactic
cosmic rays by solving the associated 1D transport equation
assuming diffusive transport, including spatial and momen-
tum advection of Galactic cosmic rays by the stellar wind.
We used a polytropic stellar wind model to derive the dis-
tance profile of the stellar wind for different stellar rotation
rates.
We found that for a solar-type star older than the Sun
(t = 6.0 Gyr) the differential intensity of Galactic cosmic
rays will increase between a factor of 2-5 at T .GeV. At
early ages, at t = 0.6 Gyr for instance, the rotation rate of
the Sun is unknown. Therefore, we showed that the resulting
difference in the differential intensity of Galactic cosmic rays
at Earth, depending on whether the Sun was a fast or a
slow rotator, is approximately an order of magnitude for
T . 5 GeV energies.
Generally, for mildly relativistic cosmic rays (.GeV en-
ergies) their associated diffusion timescales have always been
comparable to, or longer than, the advective timescale of the
stellar winds of solar-type stars. This means that the past
and present modulation of these low energy cosmic rays in
the solar system has always been severe. Only in the future,
as the solar wind becomes weaker, will these low energy cos-
mic rays begin to reach Earth from the ISM. For faster ro-
tation rates, approximately corresponding to younger ages,
10 GeV cosmic rays begin to be severely modulated due to
the increased magnetic field strength and velocity of the so-
lar wind.
We compare our results to a modified version of the
force field approximation and find that for rotation rates
of Ω . 2.1Ω the modified force field approximation can
be used to fit our results at 1 au quite well. We provided
an analytical fit to our derived spectra in Eq. 10. These fits
could be easily incorporated in future models, such as for
calculating the spectrum at the top of Earth’s atmosphere
for the different ages that we focused on here.
We looked specifically at the differential intensity of
Galactic cosmic rays that would have been incident on Earth
at t = 1.0 Gyr, approximately when life is thought have be-
gun on Earth. For T . 5 GeV the values for the differential
intensity that we find are approximately 2 orders of magni-
tude smaller than the present-day values observed at Earth,
similar to previous estimates by Cohen et al. (2012).
Finally, we applied our model to the case of HR 2562b
which is a warm Jupiter orbiting a young ∼solar-like star
(t = 0.6 Gyr) at 20 au. After calculating the differential in-
tensity of Galactic cosmic rays at the orbital distance of this
exoplanet, we determine how the cosmic rays would deposit
their energy as they propagate through the exoplanet’s at-
mosphere. Here, we assumed the atmosphere to be unmag-
netised. We found that the majority of cosmic ray particles
with energies between 0.1 and 10 GeV are attenuated at
pressures greater than 10−4 bar. Our results can be used to
guide future searches for the chemical signatures of Galactic
cosmic rays in exoplanetary atmospheres with, for exam-
ple, the JWST. An observational signature of Galactic cos-
mic rays in an exoplanetary atmosphere of a warm Jupiter
may help constrain the Galactic cosmic ray spectrum present
around young Earth-like exoplanets.
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APPENDIX A: THE NUMERICAL CODE
In this section we give details of the numerical code that was
used including a description of the numerical scheme, how
the boundary conditions are implemented, a definition of the
overall timestep for the code as well as a validation of our
code using Galactic cosmic ray observations at Earth and
a resolution test. The code presented here assumes spheri-
cal symmetry and is adapted version of the code that was
originally presented in Rodgers-Lee et al. (2017) which had
two spatial dimensions. The version of the code presented
here uses a logarithmically spaced spatial grid (which was
used in Rodgers-Lee et al. 2020), as well as a logarithmi-
cally spaced momentum grid which was not included in the
previous version of the code. The last term in Eq. 1 describ-
ing momentum advection is also now included. We use a
different numerical scheme for the advective terms which is
described below.
A1 Numerical scheme
Here we describe the numerical scheme used to discretise
Eq. 1. Both the spatial and momentum bins are logarithmi-
cally spaced and so we introduce a change of variables such
that u ≡ ln r and w ≡ ln p. Let κ˜ be the diffusion coefficient
when written as a function of u and w. Given any variable
X, the notation Xni,j denotes the variable X at ui, wj and
time tn with
ui = i∆u, wj = j∆w, t
n = n∆t (A1)
where ∆u (∆w) is the radial (momentum) logarithmic grid
spacing and ∆t is the timestep.
For the diffusive term in Eq. 1 we use a first order forward in
time and second order centred in space scheme. The diffusion
equation can be expressed in terms of u as
∂f
∂t
= ∇ · (κ∇f)
=
1
r2
∂
∂r
(
r2κ
∂f
∂r
)
=
1
r3
∂
∂u
(
rκ˜
∂f
∂u
)
= e−3u
∂
∂u
(
euκ˜
∂f
∂u
)
(A2)
We can discretise this using a forward in time, centred in
space scheme as
fn+1i,j = f
n
i,j +
∆t
(∆u)2
e−3ui
(
e−ui+1/2 κ˜i+1/2,j
[
fni+1,j − fni,j
]
−e−ui−1/2 κ˜i−1/2,j
[
fni,j − fni−1,j
])
. (A3)
For the spatial advective term we use a finite volume first
order in time and space upwinding scheme. Thus, written in
conservative form the advection equation becomes
∂f
∂t
= −∇ · (vf) = −∇ · F (A4)
with F = vf . Written in terms of u this becomes,
∂f
∂t
= −e−3u ∂
∂u
(e2uvf). (A5)
Eq. A5 can then be expressed as
∆f
∆t
≈ −
(
Fni+1/2,j − Fni−1/2,j
∆u
)
(A6)
where Fi±1/2,j = e
2ui±1/2v∗i±1/2f
n,∗
i±1/2,j with v
∗
i±1/2 and
fn,∗i±1/2,j being the so-called resolved states. Therefore
fn,∗i+1/2,j =
{
fni,j if v
∗
i+1/2 > 0
fni+1,j if v
∗
i+1/2 < 0
(A7)
and similarly for fn,∗i−1/2,j where v
∗
i+1/2 = (vi+1+vi)/2. Thus,
written as a difference scheme this is
fn+1i,j = f
n
i,j − ∆te
−3ui
∆u
(
e2ui+1/2v∗i+1/2f
n,∗
i+1/2,j
− e2ui−1/2v∗i−1/2fn,∗i−1/2,j
)
. (A8)
The momentum advection term is discretised in a similar
way to the spatial advection term. Thus, the momentum
advection term can be expressed as,
∂f
∂t
=
(∇ · v)
3
∂f
∂lnp
=
(∇ · v)
3
∂f
∂w
. (A9)
For the 1D spherical case this becomes
∂f
∂t
=
1
3r2
∂
∂r
(r2v)
∂f
∂w
=
e−3u
3
(
∂e2uv
∂u
)
∂f
∂w
(A10)
where we can rewrite this as a differencing scheme in terms
of an effective velocity, v′i,j+1/2, as
fn+1i,j = f
n
i,j +
∆te−3ui
3∆w
v′i,j+1/2
(
fn,∗i,j+1/2 − fn,∗i,j−1/2
)
(A11)
where
v′i,j+1/2 =
(
∂e2uv
∂u
)
i,j
=
e2ui+1/2vi+1/2 − e2ui−1/2vi−1/2
∆u
(A12)
and is independent of the index j. Finally,
fn,∗i,j+1/2 =
{
fni,j if v
′
i,j+1/2 > 0
fni,j+1 if v
′
i,j+1/2 < 0
(A13)
and similarly for fn,∗i,j−1/2. Thus the overall scheme for Eq. 1
is given by,
fn+1i,j = f
n
i,j +
∆t
(∆u)2
e−3ui
(
e−ui+1/2 κ˜i+1/2,j
[
fni+1,j − fni,j
]
− e−ui−1/2 κ˜i−1/2,j
[
fni,j − fni−1,j
])
− ∆te
−3ui
∆u
(
e2ui+1/2v∗i+1/2f
n,∗
i+1/2,j
− e2ui−1/2v∗i−1/2fn,∗i−1/2,j
)
+
∆te−3ui
3∆w
v′i,j+1/2
(
fn,∗i,j+1/2 − fn,∗i,j−1/2
)
(A14)
c© xxxx RAS, MNRAS 000, 1–15
12 Rodgers-Lee et al
A2 Boundary conditions
The inner radial boundary condition is reflective meaning
the cosmic rays cannot enter/leave via this boundary. To
implement this boundary condition in the code we treat
the spatial diffusion and advection terms separately. For the
spatial advective term the velocity of the solar wind in the
boundary cell is set to be the opposite of the velocity of the
solar wind in the cell beside the boundary, i.e. v0 = −v1
which ensures that the advective flux across the boundary
is zero (v∗1/2f
n,∗
1/2,j = 0). To implement a reflective bound-
ary for the diffusion term we ensure that the diffusive flux
across the boundary is zero, i.e. κ1/2,j∇f |1/2,j = 0. There-
fore, fn0,j = f
n
1,j .
The outer radial boundary condition is a fixed boundary
condition set to the LIS value in the radial boundary cell.
This is implemented in the code by simply fixing the value of
the boundary cell to the LIS value which is constant in time.
Cosmic rays can enter/leave the spatial grid via the outer
radial boundary condition but they do not decrease/increase
the value of the boundary cell.
The lower and upper momentum boundary conditions
are both outflow. This means no momentum is advected
onto the momentum grid via the momentum boundaries,
but momentum may leave the computational domain via
these boundaries which requires no change to the current
upwind numerical scheme. To ensure that momentum is not
advected onto the grid, for the lower momentum boundary
this requires that if v′i,1/2 > 0 then fn,∗i,1/2 = 0. Similarly
for the upper momentum boundary, if v′i,M−1/2 6 0 then
fn,∗i,M−1/2 = 0.
A3 Timestep
To define the timestep for our scheme we first define a
Courant condition for each separate term in Eq. 1. Thus, the
diffusive timestep is defined as ∆tdif = min((∆xi)
2/4κi,j),
the spatial advection timestep is defined as ∆tadv =
min(∆xi/vi) and the momentum advection timestep is de-
fined as ∆tmom = min(3∆xiln(∆pj)/vi).
Then, the overall timestep for the scheme is defined as
∆t =
(
1
α∆tdif
+
1
∆tadv
+
1
∆tmom
)−1
(A15)
where α = 1/6 is chosen. Since the diffusion coefficient and
the velocity profile of the solar wind remain constant at a
given simulated epoch the timestep for the scheme also re-
mains constant for a given simulation run.
A4 Model validation using present-day data
We use current observations of Galactic cosmic rays at Earth
and in the local ISM to compare with and constrain our
numerical model. The Earth observations consist of IMP
8 (McDonald 1998), BESS (from Shikaze et al. 2007) and
PAMELA (from Adriani et al. 2013) data spanning a num-
ber of years. The local ISM observations are taken from Voy-
ager 1 (Cummings et al. 2016). Our model can be seen to fit
the observations well. An average magnetic field strength of
1.3 G is used at the wind base, which is derived from a large
scale magnetic field map of the Sun, as an input for the stel-
lar wind model. We note that the value of 1.3 G agrees with
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Figure A1. Differential intensity of Galactic cosmic rays as a
function of kinetic energy. The solid black line represents a model
fit of the Voyager 1 data (the green diamonds) for the LIS which
are the values used at the spatial outer boundary (122 au). The
red dots represent our simulation results for 1 au. The yellow,
magenta and blue triangles are the IMP 8, BESS and PAMELA
observations, respectively.
the observed magnetic field strength of the dipolar compo-
nent of the Sun averaged over solar cycles 21 to 23 (see Fig.
1 in Johnstone et al. 2015). Overall, the results from our
model at 1 au match the observations quite well, with small
discrepancies that are most likely due to the use of a sim-
ple 1D model to model an intrinsically asymmetric system.
These small discrepancies could also be related to the vari-
ation of cosmic rays due to the solar cycle, which are not
accounted for in the present paper.
A5 Resolution test
We perform a resolution study using the ||`||2 norm for the
simulation set-up using the present day values for the solar
wind (given in Table 1), shown in Fig. A2. The ||`||2 norm is
defined as
||`(a, b)||2 =
√√√√ 1
n
n∑
i=0
|xi,j;a − xi,j;b|2 (A16)
where the indices i and j indicate the spatial and momen-
tum positions. The indices a, b correspond to two simulations
with different resolutions. Five resolutions are considered in-
creasing the number of bins in the radial (and momentum)
direction with Nr(= Np) = 30, 60, 90, 120, 180. The ||`||2
norm is calculated at the same time for each of the sim-
ulations. This time is chosen to be sufficiently large that
the solution has effectively reached a steady state. A plot of
||`(a, b)||2 on a log-log scale should yield a straight line with
a slope between -1 and -2 for our scheme since it is second
order in space for the diffusive term but first order in space
for advective terms. It is also first order in time but since the
solutions are close to steady-state, as noted above, this will
not manifest itself in this resolution study. The least-squares
fitted slope of the data gives -1.74 indicating that the code
is converging as expected and we conclude that our results
are well resolved.
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Figure A2. ||`||2 norm plotted as a function of resolution where
Nr,p means Nr = Np where Nr is the number of grid zones in the
spatial direction and Np is the number of momentum bins used.
APPENDIX B: COSMIC RAY PARAMETERS
Throughout the paper we have used the same transport
properties for the Galactic cosmic rays as a function of time.
Here, we briefly discuss what this assumption physically im-
plies about the system. The power law index, γ, from Eq. 3,
reflects the driving source of the turbulence in the solar wind
which determines the turbulence power spectrum. The pa-
rameter η0 describes the level of turbulence in the solar wind
with a higher value meaning that the cosmic rays travel fur-
ther before scattering.
Events such as coronal mass ejections (CMEs) are
thought to drive of the turbulence in the solar wind but
the exact connections still remain debated (Cranmer 2017).
Small scale convective motions on the solar surface (McIn-
tosh et al. 2011) could additionally be transferred via Alfve´n
waves to the large scale dipolar magnetic field structure and
transported outwards in the solar wind but it is also possible
that these waves will dissipate in the corona. Based on the
solar flare-CME relation (Schmieder et al. 2015) it is thought
that young stars could produce more CMEs (Osten & Wolk
2015) because they have been found to have higher flare
rates (Maehara et al. 2012). This may lead to a stronger tur-
bulent component of the magnetic field in the stellar system.
At the same time young stars also have stronger magnetic
fields and so how the ratio of (B/δB)2 might change for a
star younger than the Sun is overall unclear, as well as the
fact that the stronger stellar magnetic fields of young stars
may confine stellar CMEs (Alvarado-Go´mez et al. 2018).
Generally though, a decrease in (B/δB)2 means smaller dif-
fusion coefficients which would increase the level of mod-
ulation suffered by Galactic cosmic rays. In our model we
adopt η0 = 1 which is already at the Bohm limit where
the cosmic rays scatter once per gyroradius. Thus, in our
model the magnetic field is already as turbulent as it can
be using the diffusion approximation. If instead the level of
turbulence in the magnetic field decreased as a function of
increasing stellar rotation rate (i.e. larger values for η0) the
Galactic cosmic rays would not suffer as much modulation
as presented here. For solar-type stars older than the Sun it
is possible that a decrease in CME rates could result in less
turbulence in the solar wind. This would lead to larger diffu-
sion coefficients for Galactic cosmic rays and less modulation
than is presented for Ω = 0.87Ω in Fig. 2, for instance.
APPENDIX C: MAGNETIC FIELD AND
VELOCITY PROFILES FROM THE STELLAR
WIND MODEL
In Fig. C1 we show the magnitude of the magnetic field com-
ponents and the radial velocity as a function of radius for
two of the rotation rates that we adopt (1Ω and 4Ω). The
dashed lines represent values derived from the stellar wind
model, as described in Section 2.3 which extend to 1 au. The
solid lines represent the values that we use in the cosmic
ray model which extend from 0.1 au out to the edge of the
stellar astrosphere. From 0.1-1 au we use the values from the
stellar wind model and beyond 1 au we extrapolate from the
values of the quantities at 1 au as described in Section 2.3.2.
APPENDIX D: MODIFIED FORCE FIELD
APPROXIMATION COMPARISON
Here, in Fig. D1, we present the comparison of our simu-
lation results with the modified force field approximation.
Our simulations results showed more suppression at low en-
ergies than the normal force field approximation. This led
us to provide a modified force field approximation, given in
Eq. 10, which matches our results at 1 au well for Ω 6 2.1Ω.
Therefore Eq. 10, along with the values of φ given in Table 1,
can be used to reproduce these results. For Ω > 2.1Ω, the
modified force field approximation matches the peak well
but fails to reproduce our simulation results at the lowest
kinetic energies.
DATA AVAILABILITY
The data underlying this article will be shared on reasonable
request to the corresponding author.
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